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• LISA will discover massive black holes across all cosmic epochs 

• LISA horizon extends deep into the epoch of formation of the earliest black holes  

• LISA traces the black hole cosmic drift to higher masses through accretion & mergers
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• black holes are minuscule  

• coalescing binary black holes are minuscule 

• gravity is the weakest interaction in Nature 
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ejection of the bulk of the sBHs [37], the only (few) remaining isolated BH can grow

by tidally disrupting stars and by gas accretion [38] sparking its growth to become an

IMBH.

Heavy seeds refer instead to IMBHs of about 104�5 M� resulting from the monolithic

collapse of massive gas clouds, forming in metal-free halos with virial temperatures

Tvir
>⇠104 K, which happen to be exposed to an intense H2 photo-dissociating ultraviolet

flux [36, 39, 40, 41, 42]. These gas clouds do not fragment and condense in a single

massive proto-star which is constantly fueled by an influx of gas that let the proto-star

to grow large and massive. Then, the star contracts sizably and my form a quasi-star

[43], or it may encounter the GR instability that leads the whole star to collapse directly

into a BH. Heavy seeds might also form in major gas-rich galaxy mergers over a wider

range of redshifts, as mergers trigger massive nuclear inflows [44]. Figure 1 is a cartoon

summarizing the current knowledge of BHs in our Universe, and the link that may exist

between sBHs and SMBHs, which is established by seed BHs along the course of cosmic

evolution.

The seeds of the first SMBHs are still elusive to the most instruments that exist

today, preventing us to set constraints on their nature. Seed BHs are necessarily

a transient population of objects and inferring their initial mass function and spin

distribution from observations is possible only if they can be detected either through EM

or GW observations at very high z, as high as ⇠ 20 (even z ⇠ 40 as discussed recently).

Since according to GR BHs of any flavor captured in binaries are loud sources of GWs

at the time of their merging, unveiling seeds and MBHs through cosmic ages via their

GW emission at coalescence would provide unique and invaluable information on the

BH genesis and evolution. The Gravitational Wave Universe is the universe we can sense

using GWs as messengers [45, 46]. In this universe, binary BHs are key sources carrying

invaluable information on their masses, spins and luminosity distance that are encoded

in the GW signal. There is one key condition that needs to be fulfilled: that the BHs

we aim at detecting pair and form a binary with GW coalescence time smaller that the

Hubble time, possibly close to the redshift of their formation. This condition, enabling

the detection of seeds at very high redshifts, is extremely challenging to be fulfilled. BHs

in binaries form ”large”. Thus, Nature has to provide additional dissipative processes

leading to the contraction of the BH binary down to the scale where GWs drive the

inspiral. This requires a strong coupling of the two BHs with the environment, before

and after forming a binary system. Understanding this coupling is a current challenge

in contemporary astrophysics, cosmology and computational physics[47].

2. Binary Black Holes: the di�culty of pairing

Due to the weakness of gravity, BH binary inspiral driven by gravitational wave emission

occurs on a timescale
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• the scale of gravitational-wave-driven inspiral is minuscule 
compared to galactic dimensions 
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• chain of dissipative processes of non-GW origin  

• drive the dynamical formation of a massive black hole binary 
during a halo-halo galaxy merger  - exquisite cosmological 
problem encompassing more than 10 orders of magnitude in 
physical scale 

• stars? gas?  

• bottleneck(s)? failures (wandering black holes)?  

• the quest for efficient binary hardening from cosmological 
scales to galactic, and from galactic to sub-galactic scales is 
instrumental for the detection of high redshift events and 
makes predictions on merger rates extremely challenging …
Marta’s talk 
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• Keplerian binary formation in the galaxy remnant 

abinary ! aGW

• hardening phase  
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• two black holes in a remnant galaxy 



• do LISA black holes coalesce “on clock”, as soon as their 
host halos merge? 

• time delay: what is delay distribution and how does it 
depend on redshift, mass/ratio, gas vs stellar content, 
orbit, galaxy morphology, …? 

cutting edge questions
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• how fast do black holes grow via accretion during a halo-halo merger? 



• Clock:  time “zero”  

70x70 kpc box

Capelo+2014

1:4 merger between  
two disc galaxies 

gas fraction 30%

I. portrait of an isolated gas-rich major (1:4) merger
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Figure 3. Stellar (red) and gas (blue) density snapshots (viewed face-on) at representative times of the 1:4 coplanar, prograde–prograde
merger: (1) 0.20, (2) 0.30 (first pericentric passage), (3) 0.39, (4) 0.61 (first apocentric passage), (5) 0.88, (6) 0.97 (second pericentric
passage – end of the stochastic stage), (7) 1.05 (second apocentric passage), (8) 1.17 (third apocentric passage), (9) 1.24 (end of the
merger stage), (10) 1.56, (11) 1.89, and (12) 2.21 Gyr (end of the remnant stage), respectively. We have run the simulations long enough
to capture the re-establishment of quiescence after the merger: note how the galaxy in the final snapshot is a normal-looking disc galaxy.
The primary (secondary) galaxy starts the parabolic orbit on the left (right) of the first snapshot, moving right- (left-) wards. In order
to make the gas more visible, gas density was over-emphasized with respect to stellar density. Each image’s size is 70× 70 kpc.

region has formed, with its radius oscillating between ∼60
and ∼140 pc with the same temporal period of the BH ac-
cretion. When the cavity reaches its maximum radius, the
BH accretion is at its minimum, and vice versa. We believe
that this is a clear case of BH self-regulation (‘breathing’),
in which the BHs follow periodic stages of feeding and feed-
back.

In the third panel of Figs 1 and 2, we show the SF
rate (SFR) for three spherical regions centred around the
BH (of radii 0.1, 1, and 10 kpc, respectively), and the total
SFR of the entire system. SFR is evaluated every 1 Myr,
but here we show its average over the same time intervals as
those of gas mass and specific angular momentum, which are
evaluated every 5 Myr. Central SFR (<100 pc) around the
BH follows a similar behaviour to that of BH accretion rate,
staying at low levels at all times except during the ∼300 Myr
that follow the second pericentric passage. During this time,
central SFR around the secondary BH can increase by more

than three orders of magnitude from its previous levels and
account for almost the totality of the SFR in the system.
The increase in SFR around the primary BH is much more
modest, but in both cases it happens at the same time of the
BH accretion rate increase. During the final stage, when the
two BHs are at a mutual distance of !10 pc, central SFR
is higher than during the first stage. Also, SFR around the
primary BH is more ‘centralized’: the SFR in the central kpc
comprises most of the SFR of the inner 10 kpc, as opposed to
during the first stage. The link between BH accretion and SF
is at the same time simple (both processes feed off the same
reservoir of gas) and complex (the exact correlation between
them is still highly debated). In a separate paper (Volonteri
et al. 2014, submitted), we present a detailed study on this
topic.

In the fourth panel, we show the amount of gas mass in
three spherical regions (of radii 0.1, 1, and 10 kpc, respec-
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• importance of tracking the tidal interaction between the two 
galaxies since the early stages - key feature of many simulations 

• wandering black holes - lower mass ratio mergers (q<0.1) 

• black hole mass contrast tends to decrease (increase) in minor 
(major) mergers - preferential range of mass ratios 

• narrowing of q  - LISA events - select te most favorable 
channels  

Take home message 

Callegari+2009,2011;Kazantzidis+2012; Capelo+2017a,b;Bellovary+2010; Van 
Vassenhove+2014; Colpi 2014; Tremmel+2015,2017
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II. portrait of a cosmological merger
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SMBH Coalescence in Cosmological Galaxy Mergers 3

Figure 1. Group environment of the galaxy merger. The left panel shows a mock UVJ map of the galaxy group at z = 3.6. The white
circle marks the virial radius of the group halo, while the green circles mark the merging galaxies. The upper-right and lower-right panels
show a zoom-in on the central galaxy of the group and the interacting companion, respectively. Lengths are in physical coordinates.

Figure 2. From left to right: time evolution of the galaxy merger after the beginning of the re-sampled, higher-resolution simulation.
Each panel shows a mock UVJ photometric image of the merger, and the red and blue dots mark the position of the primary and secondary
BH, respectively. Lengths are in physical coordinates.

to them. The orbital decay is governed by dynamical
friction of the stellar cusps against the stellar, gas and
dark matter background originating from the merger of
the two hosts.
During the final stage of the merger (i.e. at t ≈ 20 Myr

after the particle splitting) the merger remnant is gas
poor (gas fraction ∼ 5%) owing to gas consumption by
SF. Stars dominate the enclosed mass out to ∼ 3 kpc
and provide the dominant contribution to the dynamical
friction exerted by the background. Figure 4 shows the
mass distribution of the individual components when the
separation of the two SMBHs reaches about 300 pc, i.e.
≈ 21.5 Myr after the particle splitting. The stellar mass

is almost 2 orders of magnitude larger than the gas one
over all spatial scales except in the central 10 pc, where
the difference is about a factor of 20.
Then, we extract a spherical region of 5 kpc at t ∼

21.5 Myr after particle splitting around the more massive
SMBH to initialize a direct N -body simulation contain-
ing in total ∼ 6 × 106 particles. We treat the remaining
gas particles in the selected volume as stars, since they
are sub-dominant in mass. Almost the entire stellar mass
is within 5 kpc, so an artificial cut-off at 5 kpc shall not
introduce significant changes in stellar mass profile in the
inner region for follow up evolution. However, at trun-
cation separation, the dark matter has a steeply rising

• first ab initio simulation of a galaxy group  @ z=3.5 from Argo cosmological simulation  

• identification of the two main spirals undergoing a major merger (1:3.6 mass ratio) on a 
nearly parabolic orbit with co-rotating stellar discs inclined by 67 degrees 

• gas fractions of about 10%  

• splitting  procedure to attain a force resolution of 5 pc - Direct N-Body code                                                                                                                                            
(mass resolution 6000 gas,10,000 stars, 100,000 dark matter) 

mBH
1 = 108 M�

mBH
2 = 3⇥ 107 M�
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Figure 3. Left panel: time evolution of the separation between the SMBHs. Blue-solid, red-dashed, and green-dotted lines show the
evolution during the hydrodynamical, re-sampled simulation of the merger, the direct N-body calculation, and after having introduced
post-Newtonian corrections, respectively. Thin and light versions of the same lines refer to the continuation of the respective simulations.
The horizontal dotted line marks the gravitational softening of the hydrodynamical simulation. Central panel: radial profiles of the ratio
b/a (red) and c/a (blue) between the principal axes of the moment of inertia tensor (c ≤ b ≤ a) at different times: 23.3 Myr (solid),
25.3 Myr (dashed), and 29.3 Myr (dotted). Right panel: probability density function of the radial distance from the center of the merger
remnant for the stellar particles that have interacted with the central binary across 26-24.4 Myr (blue, solid), 27.5-26 Myr (red, dashed),
29.1-27.5 Myr (green, dot-dashed), and 30.6-29.1 Myr (magenta, dotted).

mass profile; we compare it with a later snapshot during
the N -body evolution at t ≈ 30 Myr. We do not observe
a noticeable evolution from outer to inner region.
We further evolve the selected region using the high-

performance φ-GPU code (Berczik et al. 2011). At the
end of our previous galaxy merger simulation, stellar and
gas particles have a softening of 5 pc and dark matter
particles have a softening of 150 pc. We start our di-
rect N -body run by decreasing the stellar softening to
0.1 pc while keeping the dark matter particles soften-
ing unchanged to avoid two-body relaxation effects as
the latter have a relatively large mass. Figure 4 shows
that the mass of the dark matter component does not
increase in the central region during the whole evolution
period. The softening parameter for the force calcula-
tion between the two black holes is set to 0. In order to
calculate the softening between different particle species
we employ the following criterion:

ϵ2ij = (ϵ2i + ϵ2j)/2, (1)

where ϵ• = 0 for both black holes, ϵ⋆ = 0.1 pc for stars
and ϵdm = 125 pc for dark matter particles. In star-
black hole interactions we further reduce the softening
to 0.007 pc, which is smaller than the semi-major axis of
the binary when the gravitational wave emission domi-
nates (Figure 3, left panel). In order to take into account
energy loss by gravitational wave emission, we incorpo-
rate post-newtonian terms up to 3.5 in the equation of
motion of the binary SMBHs (Blanchet 2006).
Dynamical friction efficiently shrinks the separation

between the two SMBHs and they form a binary once
individual cusps merge at t ∼ 23.5 Myr. The separa-
tion drops rapidly to ∼ 0.3 pc in less than 1 Myr, owing
to the high nuclear density, until the binary gets hard
and dynamical friction becomes inefficient. The subse-
quent phase of the decay is dominated by three-body en-
counters between the binary and the surrounding stars.
This phase is the longest, taking ≈ 8 Myr before the
separation decreases to ∼ 0.01 pc, at which point GW
emission takes over and brings the SMBHs to rapid co-
alescence in 2 Myr (Figure 3). Figure 3 also shows that

post-Newtonian terms are crucial for the sinking of the
binary already at a separation of ! 0.03 pc. The or-
bital decay rate in the post-Newtonian phase is in rough
agreement with simple semi-analytical predictions based
on orbit-averaged expressions (Peters & Mathews 1963),
which do not take into account the contributions from
higher order terms.
We define the coalescence time, and stop the simula-

tions, when the separation is < 4(rs,1+rs,2), where rs,j is
the Schwarzschild radius of the j-th BH, as following the
evolution further would require a fully relativistic treat-
ment. The coalescence, counting from the merger of the
two cusps at t ∼ 23.5 Myr, takes less than 10 Myr, which
is roughly two orders of magnitude faster than previ-
ous decay time estimates inferred for non-cosmological,
purely stellar hosts (when rescaled to nearby galaxies)
(Khan et al. 2012b, 2013). The preceding large-scale ap-
proach and merger of the two galaxies lasts ∼ 200 Myr,
so that the overall process is completed in significantly
less than the lookback time at z ∼ 3.5.
The shape of the merger remnant over time is shown in

the central panel of Figure 3. It was obtained by measur-
ing the moments of inertia tensor of a homogeneous el-
lipsoid. The remnant is clearly triaxial at all times. The
right panel of Figure 3 shows the distribution of the mean
radial distances of the stars that contribute to the change
in the binding energy of the binary at different times.
Those have been identified statistically as the stars that
undergo large specific total energy change between two
subsequent snapshots, ∆E/m⋆ > (1405 km s−1)2. This
absolute threshold depends on the binary properties only,
∆E/m⋆ ≈ G µ• C a−1, where µ• is the binary reduced
mass, a is the binary separation, and C ≈ 2, as inferred
from three-body encounter simulations (Hills 1983; Quin-
lan 1996). This criterion allows us to select only the stars
involved in encounters with the SMBH binary, because
the energy changes due to the large scale evolution of the
system and to two-body encounters with other stars and
dark matter particles are small compared to the adopted
threshold. Most of those stars come from 10-100 pc,
which is at quite far from the BH binary sitting at the

• the binary hardens by the slingshot mechanisms with individual stars 
impugning on the binary form low-angular momentum orbits in a triaxial 
potential.  The binary mergers 10 Myrs after the merger of the stellar 
cusps

• gas inflows in the inner 500 pc from cosmological streams  
are conducive to an intense burst of star formation around 
the secondary black hole 

• the black holes are surrounded by  a stellar cusp which 
enhances their “effective mass”- the orbital decay is 
governed by dynamical friction of the stellar cusps

10 mpc  —   2.5 PN



• nuclear inflows of gas and episodes of star formation in the vicinity  
of the black holes are instrumental in creating the conditions for 
rapid pairing as they enhance the effective mass of the black hole 
and thus the dynamical friction drag 

• provide the reservoir of stars for the slingshot mechanism to 
become effective in the triaxial potential of the new galaxy 

• stars are “key players” for the merger to stay on clock with the 
“help” of gas: having a higher degree of dissipation/ability to 
loose angular momentum gaseous stream lead to formation of 
stellar cusps 

• just a single simulation with “massive” black holes 

Take home message



lifetime  @“stalling”  radius assuming that in 
triaxial potential loss cone is full
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Binary lifetime calculation for a set of massive black holes

in Sersic galaxies.

Biava Nadia

25 September 2017

1 INTRODUCTION

When two galaxies merge, their massive black holes form
a binary and are expected to coalesce into a larger black
hole, through the emission of gravitational waves. As galax-
ies build-up they keep turning cold gas into stars, with the
result that massive galaxies at low redshift are predomi-
nantly gas poor; despite this, massive gas poor galaxies con-
tinue to merge. Recent simulations of the evolution of mas-
sive black hole binaries (MBHBs) in merging stellar bulges,
have shown that the MBHB hardening rate is independent
of the number of particles (Preto et al. 2011, Khan et al.
2011). Sesana and Khan (2015), by comparing direct N-body
simulations to an hybrid model based on 3-body scattering
experiments (Sesana 2010), show that, the N-body MBHB
hardening rate is equivalent to that of a binary immersed in
a field of unbound stars with density and velocity equal to
the density and velocity dispersion of the surrounding stellar
distribution at the binary influence radius. This result allows
to estimate the lifetime of MBHBs forming in dry mergers
based solely on the stellar density profile of the host galaxy.

2 BINARY LIFETIME

To estimate the typical lifetime and characteristic separa-
tions of MBHBs forming in dry galaxy mergers, Sesana &
Khan (2015) have considered the evolution of the semimajor
axis of the orbit do to two separate contribution: the three
body encounters between the binary and every single star in
the bulge, and the emission of gravitational waves.

da
dt
=

da
dt

����3b
+

da
dt

����gw
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with the binary mass MBH,T = MBH,1 + MBH,2 ,
q = MBH,2/MBH,1  1 and
F (e) = (1 � e2)�7/2[1 + (73/24)e2 + (37/96)e4].
Since the stellar hardening rate is / a2 and the gravitational
wave hardening is / a�3, binaries spend most of their time
at the transition separation obtained by imposing
|(da/dt)3b | = |(da/dt)gw |.
This occurs at a distance:
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and the binary lifetime can be written as:

t(a⇤/gw) =
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GH ⇢inf a⇤/gw
(4)

where H ⇠ 15 � 20 is a dimensionless rate they have ob-
tained from the calculation of the hardening rate in their
simulation. In fact the lifetime estimated through equation
(4) di↵ers by only about 10% from that obtained by inte-
grating equation (1).
To get physical estimates for realistic galaxies we need to
estimate �inf and ⇢inf . We do this for two di↵erent density
profile.

2.1 Dehnen density profile

Sesana & Khan (2015) have calculated the coalescence time
of a binary using as a reference model for the galaxy rem-
nant the density profile described by Dehnen (1993). This
is an analytical model that in projection resemble de Vau-
couleurs (1948) R1/4 profile which describes how the surface
brightness of ellipticals and bulges varies as a function of the
apparent distance from the center.
The Dehnen density profile is given for di↵erent central
slopes by:

⇢(r) =
(3 � �)M⇤

4⇡
r0

r� (r + r0)(4��)
(5)

where M⇤ is the total mass of the stellar bulge, r0 is the scale
radius, and � is the inner logarithmic slope. The velocity
dispersion associated to this model is given by

�2(r) = GM⇤r� (r + r0)4��
Z 1

r

r 01�2�dr 0

(r 0 + r0)7�2� (6)

There is an underlying assumption in the whole treatment:
that the binary once formed resides in a relaxed galaxy and
that the total mass of the binary MBH,T follows the same
relations as single black holes do. To get physical estimates
for realistic galaxies they have calculated:

• M⇤ from the MBH � M⇤ relation taken from Kormendy
& Ho (2013): MBH,T/109M� = 0.49(M⇤/1011M�)1.16.
• The scale radius r0 is connected to the bulge e↵ective

radius Re↵ through the relation Re↵ ⇠ 0.75r0(21/(3��) � 1)�1

(Dehnen 1993).
• The e↵ective radius Re↵ as a function of the galaxy stel-

lar mass which depends on the nature of the galaxy host.
In particular Dabringhausen et al. (2008) have found that
Re↵/pc = max(2.95(M⇤/106M�)0.596,34.8(M⇤/106M�)0.399)

c� 0000 The Authors
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axis of the orbit do to two separate contribution: the three
body encounters between the binary and every single star in
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where H ⇠ 15 � 20 is a dimensionless rate they have ob-
tained from the calculation of the hardening rate in their
simulation. In fact the lifetime estimated through equation
(4) di↵ers by only about 10% from that obtained by inte-
grating equation (1).
To get physical estimates for realistic galaxies we need to
estimate �inf and ⇢inf . We do this for two di↵erent density
profile.

2.1 Dehnen density profile

Sesana & Khan (2015) have calculated the coalescence time
of a binary using as a reference model for the galaxy rem-
nant the density profile described by Dehnen (1993). This
is an analytical model that in projection resemble de Vau-
couleurs (1948) R1/4 profile which describes how the surface
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The Dehnen density profile is given for di↵erent central
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There is an underlying assumption in the whole treatment:
that the binary once formed resides in a relaxed galaxy and
that the total mass of the binary MBH,T follows the same
relations as single black holes do. To get physical estimates
for realistic galaxies they have calculated:

• M⇤ from the MBH � M⇤ relation taken from Kormendy
& Ho (2013): MBH,T/109M� = 0.49(M⇤/1011M�)1.16.
• The scale radius r0 is connected to the bulge e↵ective
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(Dehnen 1993).
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1 INTRODUCTION

When two galaxies merge, their massive black holes form
a binary and are expected to coalesce into a larger black
hole, through the emission of gravitational waves. As galax-
ies build-up they keep turning cold gas into stars, with the
result that massive galaxies at low redshift are predomi-
nantly gas poor; despite this, massive gas poor galaxies con-
tinue to merge. Recent simulations of the evolution of mas-
sive black hole binaries (MBHBs) in merging stellar bulges,
have shown that the MBHB hardening rate is independent
of the number of particles (Preto et al. 2011, Khan et al.
2011). Sesana and Khan (2015), by comparing direct N-body
simulations to an hybrid model based on 3-body scattering
experiments (Sesana 2010), show that, the N-body MBHB
hardening rate is equivalent to that of a binary immersed in
a field of unbound stars with density and velocity equal to
the density and velocity dispersion of the surrounding stellar
distribution at the binary influence radius. This result allows
to estimate the lifetime of MBHBs forming in dry mergers
based solely on the stellar density profile of the host galaxy.

2 BINARY LIFETIME

To estimate the typical lifetime and characteristic separa-
tions of MBHBs forming in dry galaxy mergers, Sesana &
Khan (2015) have considered the evolution of the semimajor
axis of the orbit do to two separate contribution: the three
body encounters between the binary and every single star in
the bulge, and the emission of gravitational waves.
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where H ⇠ 15 � 20 is a dimensionless rate they have ob-
tained from the calculation of the hardening rate in their
simulation. In fact the lifetime estimated through equation
(4) di↵ers by only about 10% from that obtained by inte-
grating equation (1).
To get physical estimates for realistic galaxies we need to
estimate �inf and ⇢inf . We do this for two di↵erent density
profile.

2.1 Dehnen density profile

Sesana & Khan (2015) have calculated the coalescence time
of a binary using as a reference model for the galaxy rem-
nant the density profile described by Dehnen (1993). This
is an analytical model that in projection resemble de Vau-
couleurs (1948) R1/4 profile which describes how the surface
brightness of ellipticals and bulges varies as a function of the
apparent distance from the center.
The Dehnen density profile is given for di↵erent central
slopes by:
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where M⇤ is the total mass of the stellar bulge, r0 is the scale
radius, and � is the inner logarithmic slope. The velocity
dispersion associated to this model is given by
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There is an underlying assumption in the whole treatment:
that the binary once formed resides in a relaxed galaxy and
that the total mass of the binary MBH,T follows the same
relations as single black holes do. To get physical estimates
for realistic galaxies they have calculated:

• M⇤ from the MBH � M⇤ relation taken from Kormendy
& Ho (2013): MBH,T/109M� = 0.49(M⇤/1011M�)1.16.
• The scale radius r0 is connected to the bulge e↵ective

radius Re↵ through the relation Re↵ ⇠ 0.75r0(21/(3��) � 1)�1

(Dehnen 1993).
• The e↵ective radius Re↵ as a function of the galaxy stel-

lar mass which depends on the nature of the galaxy host.
In particular Dabringhausen et al. (2008) have found that
Re↵/pc = max(2.95(M⇤/106M�)0.596,34.8(M⇤/106M�)0.399)
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of the diagram), then the scatter in the vertical (logMBH) direction will naturally
increase where the relation steepens. At the low mass end, for a slope of 2, the 1�
scatter should be 0.8 3dex in the vertical direction. If most of the data reside within
±2� of the near-quadratic relation, then the observed range in black hole mass at a
given spheroid mass should be of 3.32 dex.
It is evident in Figure (1.7) that the 35 additional galaxies, represented by light-
green dots, have higher spheroid masses relative to Sersic MBH � Msph,⇤ relation.
This might be due to an over-estimation of the stellar mass to light ratios that they
have used to determine the Msph,⇤.

Figure 1.7: Black hole mass vs spheroid stellar mass for Core-Sersic galaxies (red) and Sersic galaxies
(blue) taken from Scott & Graham (2013), additional Sersic galaxies (green) and AGN taken from Jiang
et al.(2011) (cyan). The light gray shaded region accounts for the errors in the slope and intercept of the
relation and the dotted lines indicate the rms scatter of points around the relation.

Through improvement in the quality of the MBH and Msph,⇤ data , which are
expected to be achieved in the near future, more spheroid magnitudes and thus new
data for the region of the MBH � Msph,⇤ diagram probed by the Jiang et al.(2011)
data will be provided. This will help determining if AGN may be offset or not
from the MBH �Msph,⇤ relation for Sersic galaxies defined by inactive galaxies, and
exploration into the class of intermediate mass black holes.

Dehnen profile

2 Biava Nadia

Figure 1. Lifetime (left panels) and characteristic separation (right

panels) of massive black hole binaries vs binary mass. In the top panels

black,blue and red lines are for density profiles with � = 0.5,1.0,1.5 respec-

tively; in the central panels black,blue and red lines are for binaries with

q = 1.0,0.32,0.1 respectively; in the bottom panels black,blue and red lines

are for binaries with e = 0,0.9,0.99 respectively. In each bifurcated curve,

the upper branch is for regular ellipticals, the lower branch is for bulges of

spirals and ultra compact dwarfs.

for elliptical galaxies, whereas Re↵/pc = 2.95(M⇤/M�)0.596

for the bulges of spirals and ultra compact dwarfs.
• The influence radius rinf = r0/[M⇤/(2MBH,T)]1/(3��) � 1

defined as the radius containing twice the binary mass in
stars, i.e. M⇤(< rinf ) = 2MBH,T.
• ⇢inf obtained from the density profile given by equation

(5) evaluated at the influence radius.
• � from the MBH � � relation taken from Kormendy &

Ho (2013): MBH,T/109M� = 0.309(�/200km/s)4.38.

With the relations described above, knowing only the MBHB
mass, one can estimate M⇤,r0,Re↵ ,rinf , ⇢inf ,�inf of the host
galaxy, and compute the MBHB lifetime and its character-
istic separation through the equations above.
Figure (1) shows the binary lifetimes and separations
a⇤/gw for di↵erent values of �=0.5,1.0,1.5 (upper panels),
mass ratio q=1,0.32,0.1 (central panels) and eccentricity
e=0,0.0,0.99 (bottom panels). We have extended the mass
range down to 105M� in order to deduce the time that a
MBHB might spend in the hardening phase before to reach
coalescence with the emission of gravitational waves, for the
binary mass in the interval 105 � 107M�, that can be de-
tected by LISA.
The result is that MBHBs in purely stellar environment do
not stall since their lifetime are smaller than the Hubble
time (13.5 Gyrs), nevertheless they are long, ranging from
0.1 to several Gyrs, depending on the properties of the sys-
tems. The split in the lifetime at a binary mass of ⇠ 109M�
is due to the change in the slope of Re↵ � M⇤ relation for

Figure 2. Lifetime for the sample of galaxies taken from Kormendy &

Ho (2013) and reported in the appendix in table (A.1 for elliptical galaxies

and A.2 for the classical bulges). The binary lifetime is calculate for each

galaxy with three di↵erent density slope: �=0.5 in black, �=1.0 in blue and

�=1.5 in red; using the correct relation for the e↵ective radius for ellipticals

and for the bulge of spirals.

elliptical galaxies, which tends to live in the less compact
stellar systems. The longer times are reached in the dwarf
spheroidal galaxies because their e↵ective radius is large, in-
stead the smaller times are reached for the ultra compact
dwarfs. These times are almost independent on the mass ra-
tio for the values considered, indeed the use of a smaller mass
ratio could not bring to the formation of a binary because
the small galaxy would be destroyed by the violence of the
merger and its black hole becomes wandering. Instead the
binary lifetime can be significantly shorter if eccentricity is
driven to very high values during the stellar dominated evo-
lution phase. Binaries with e=0.99 besides having a lifetime
which is ⇠ 20 shorter, could be found at separation which are
⇠ 10 times larger. So these results highlight the importance
of knowing the eccentricity of the binary at the formation,
but this value cannot be predicted on the basis of simple
arguments.

We have noted that in equation (4) the velocity disper-
sion is calculated at the influence radius, instead Sesana &
Khan (2015) have used the stellar velocity dispersion which
is usually evaluated far from the influence of the black hole.
Furthermore Sesana & Khan (2015) neglected the scatter in
the MBH�M⇤ and MBH�� relations. So we have recalculated
the binary lifetime and separation using the velocity disper-
sion of the Dehnen profile given in eq.(6); and we have ap-
plied these calculations to real data taken from Kormendy &
Ho (2013) in order to see how these galaxies are distributed
within the scheme. For every galaxy, knowing MBH and M⇤,
setting MBH,T equals to the mass of the black hole consid-
ered and q = 1, we have calculated the coalescence time for
three di↵erent density slope � = 0.5,1.0,1.5. The results are
reported in Figure (2).
Looking to the figure one can see that there are very few
black holes with MBH  107, in the range of sensibility of
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Figure 1. Distance between the BHs for different runs (refer
to Table 1). The shortest timescales for the orbit of the sec-
ondary BH to fall under the one-pc scale separation from the
central BH are observed in the adiabatic runs (top panel).
Almost all the other runs that include gas cooling lead to
prolonged, if present, orbital decay. The exception is run
CSFSN (bottom panel), in which an encounter between the
secondary BH and an overdense region of gas caused a rela-
tively short decay time. Run CSFSNBF was stopped before
60 Myr due to computational limitations.

can result, and indeed almost always occurs in our simu-
lations (Figures 4 and 5). The overall effect is to induce
a stochastic behaviour of the orbital separation as op-
posed to the smooth behaviour in the non-fragmenting,
adiabatic case (Figure 1).
The diffuse background gas is also affected by torques,

which produce a global inward flux of mass and make
the CND more centrally concentrated. This reflects the
nature of self-gravity, which can be described by an effec-
tive viscosity acting throughout the disk even in absence
of fragmentation (Lin & Pringle 1987).
In run NAC (see Table 1), within 10 Myr, the inner

25-pc region goes from enclosing less than 20% of the
total mass of the disk and being smooth to having more
than 50% of the total disk mass in 3 clumps, one of
about 3.19×107 M⊙ enclosing the primary BH, another
one of about 1.88 × 107 M⊙ (heavier than the primary
BH itself) at a distance of about 8 pc center to center
(each have a radius larger than 1.5 pc), and the third
one of about 6.7× 106 M⊙, still much heavier than the
secondary BH, with respective densities ∼1.5× 108, 5×

Figure 2. Gas density face-on projection and secondary
BH’s trajectory (white lines) for the adiabatic run NAAD
(see Table 1) at different times. A scale bar on the top left
panel shows the size in pc. The colour code represents the
disk density integrated along the z-axis (perpendicular to
the disk plane), which rotates counter-clockwise in this per-
spective. Trajectories are shown for time intervals between
snapshots. On the top left panel, we see a leading spiral
wake caused by the BH near an apocenter as a perturbation
to the disk density. On the top right panel, a trailing wake
is captured near a pericenter. The net effect of the wakes
over a few orbits is to circularize the orbit. The lower left
panel shows a resonant interaction between the BH and the
gas as the orbit becomes circular. After circularizing, the gas
extracts its angular momentum and the separation shrinks
in a relatively short timescale, as clearly captured on the
bottom right panel. The interplay between perturber and
background is analogous to results found in the literature
for planet migration.

107, and 107 amu cm−3 (during this time, the secondary
BH is always outside this inner region; see Figure 1).
Figure 6 shows the distribution of clump masses at dif-

ferent times (0.5–5 Myr) normalized to the mass of the
secondary BH, which is almost constant during this time
range in the runs shown in the figure (NAC, CSFSN, and
CSFSNBF; see Table 1). In run NAC, especially after 3–
5 Myr, there are more than 10 clumps with masses from
commensurate to ten times more massive than the sec-
ondary BH. As discussed in Fiacconi et al. (2013) and
Roškar et al. (2015), clumps with masses comparable to
or larger than the mass of the secondary BH can have a
dramatic effect on the latter, with direct hits or even re-
peated softer perturbations. At the same time, Figure 6
shows that most of the clumps have masses about the
same or less than the secondary BH, namely close to or
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Figure 1. Distance between the BHs for different runs (refer
to Table 1). The shortest timescales for the orbit of the sec-
ondary BH to fall under the one-pc scale separation from the
central BH are observed in the adiabatic runs (top panel).
Almost all the other runs that include gas cooling lead to
prolonged, if present, orbital decay. The exception is run
CSFSN (bottom panel), in which an encounter between the
secondary BH and an overdense region of gas caused a rela-
tively short decay time. Run CSFSNBF was stopped before
60 Myr due to computational limitations.

can result, and indeed almost always occurs in our simu-
lations (Figures 4 and 5). The overall effect is to induce
a stochastic behaviour of the orbital separation as op-
posed to the smooth behaviour in the non-fragmenting,
adiabatic case (Figure 1).
The diffuse background gas is also affected by torques,

which produce a global inward flux of mass and make
the CND more centrally concentrated. This reflects the
nature of self-gravity, which can be described by an effec-
tive viscosity acting throughout the disk even in absence
of fragmentation (Lin & Pringle 1987).
In run NAC (see Table 1), within 10 Myr, the inner

25-pc region goes from enclosing less than 20% of the
total mass of the disk and being smooth to having more
than 50% of the total disk mass in 3 clumps, one of
about 3.19×107 M⊙ enclosing the primary BH, another
one of about 1.88 × 107 M⊙ (heavier than the primary
BH itself) at a distance of about 8 pc center to center
(each have a radius larger than 1.5 pc), and the third
one of about 6.7× 106 M⊙, still much heavier than the
secondary BH, with respective densities ∼1.5× 108, 5×
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panel shows the size in pc. The colour code represents the
disk density integrated along the z-axis (perpendicular to
the disk plane), which rotates counter-clockwise in this per-
spective. Trajectories are shown for time intervals between
snapshots. On the top left panel, we see a leading spiral
wake caused by the BH near an apocenter as a perturbation
to the disk density. On the top right panel, a trailing wake
is captured near a pericenter. The net effect of the wakes
over a few orbits is to circularize the orbit. The lower left
panel shows a resonant interaction between the BH and the
gas as the orbit becomes circular. After circularizing, the gas
extracts its angular momentum and the separation shrinks
in a relatively short timescale, as clearly captured on the
bottom right panel. The interplay between perturber and
background is analogous to results found in the literature
for planet migration.
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commensurate to ten times more massive than the sec-
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Roškar et al. (2015), clumps with masses comparable to
or larger than the mass of the secondary BH can have a
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shows that most of the clumps have masses about the
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MBH,1 = 107 M� MBH,2 = 5⇥ 105 M�

Mdisc = 108 M�

orbit 
circularization  

 fast decay to 
the binary state 
on a timescale 

of 10 Myr



•fragmentation from inside out occurs on a timescale smaller  than the orbital 
decay time  

•dense gaseous clumps form, interact, merge to form fewer and larger clump, 
and migrate to the centre 

•clumps can have masses comparable or larger than the black hole masses 
•high density contrast leading to a completely different dynamics

Souza Lima+2016, del Valle+2015, Fiacconi+2013  
appreciably change the time required to reach (sub-)pc scales,
because this is dominated by a second decay phase.

After circularization occurs, indeed, dynamical friction by
the background CND, as described in the conventional local-
“wake” approach of Chandrasekhar (1943) and Ostriker
(1999), becomes weak because the secondary BH has
negligible velocity relative to the gaseous background (but
not relative to the stellar bulge, which would still exert a drag).
Instead, another regime ensues in which spiral density waves
are triggered by the secondary BH and back-react by draining
its orbital energy and angular momentum. This migration
regime is analogous to Type I and Type III migration in planet
formation and leads to a faster orbital decay compared to the
dynamical friction phase (Mayer 2013). This is characterized
by fast extraction of angular momentum from the BH. The
negative torques experienced by it have been shown to be
associated with two mechanisms, namely the excitation of
density waves in the disk near the Lindblad resonances, and the
torques from the gas co-orbiting with the BH. The latter co-
orbital torques are stronger and cause fast inward migration, as
highlighted by the fast steepening of the angular momentum
evolution curve in Figure 11 (see Mayer 2013 for torque
analysis in a similar case). The short timescale associated with
this second stage of the migration process likely explains the
absence of an evident gap-opening: the secondary BH simply

does not have time to develop a gap in regions where the
conditions would allow it because it traverses those too
quickly, as thoroughly studied and discussed in Malik et al.
(2015) for massive planets and brown dwarfs in protostellar
disks.

3.1.2. Effects of Cooling

We now proceed to study the outcome of the radiative-
cooling runs. Cooling, even in the absence of metals, is fast at
the high densities of the CND. In particular, it occurs on a
timescale faster than the local orbital time (which is on order of
1 Myr at the half-mass–radius of the disk). This leads to rapid
fragmentation into clumps, as is well-studied and established in
the literature on self-gravitating disks (see e.g., Gammie 2001;
Durisen et al. 2007). The transition to a clumpy disk regime is
abrupt in the absence of any heating and/or star formation,
taking place in only 0.3Myr—a fraction of the time it takes the
secondary BH to complete the first orbit (see Figures 3 and 4).
At this stage, the disk enters a gravo-turbulent regime in which
collisions and tidal interactions between cold clumps occur, as
well as torquing by strong spiral density waves (Figure 3).
Clumps typically gravitationally scatter each other, but can also
merge into heavier clumps, which can cause even stronger
perturbations on the secondary BH. Ejection of the secondary
BH from the disk plane can result—indeed, it almost always
occurs in our simulations (Figures 4 and 5). The overall effect

Figure 2. Gas density face-on projection and secondary BH’s trajectory (white
lines) for the adiabatic run NAAD (see Table 1) at different times. A scale bar
on the top left panel shows the size in pc. The color code represents the disk
density integrated along the z-axis (perpendicular to the disk plane), which
rotates counter-clockwise in this perspective. Trajectories are shown for time
intervals between snapshots. In the top left panel, we see a leading spiral wake
caused by the BH near an apocenter as a perturbation to the disk density. In the
top right panel, a trailing wake is captured near a pericenter. The net effect of
the wakes over a few orbits is to circularize the orbit. The lower left panel
shows a resonant interaction between the BH and the gas as the orbit becomes
circular. After circularizing, the gas extracts its angular momentum and the
separation shrinks in a relatively short timescale, as clearly captured on the
bottom right panel. The interplay between perturber and background is
analogous to results found in the literature for planet migration.

Figure 3. Gas density face-on projection and secondary BH’s trajectory for run
C (see Table 1), similar to Figure 2. Notice the change of the scale and the
surface density limits in contrast with that figure. The left and right upper
panels show, respectively, the initial state of the gas and the fragmentation
happening in the central regions of the disk. From the bottom left panel, we
notice that the fragmentation timescale is fairly smaller than the timescale for
the secondary BH to complete one orbit. As time elapses, many gaseous
clumps are formed and interact with each other, scattering and combining to
form fewer larger clumps. The environmental differences along the BH path, in
comparison to the adiabatic runs, are enormous. This leads to a completely
different interplay between the gas disk and the BH, as the latter moves through
a more contrasted density background.
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Figure 1. Distance between the BHs for different runs (refer
to Table 1). The shortest timescales for the orbit of the sec-
ondary BH to fall under the one-pc scale separation from the
central BH are observed in the adiabatic runs (top panel).
Almost all the other runs that include gas cooling lead to
prolonged, if present, orbital decay. The exception is run
CSFSN (bottom panel), in which an encounter between the
secondary BH and an overdense region of gas caused a rela-
tively short decay time. Run CSFSNBF was stopped before
60 Myr due to computational limitations.

can result, and indeed almost always occurs in our simu-
lations (Figures 4 and 5). The overall effect is to induce
a stochastic behaviour of the orbital separation as op-
posed to the smooth behaviour in the non-fragmenting,
adiabatic case (Figure 1).
The diffuse background gas is also affected by torques,

which produce a global inward flux of mass and make
the CND more centrally concentrated. This reflects the
nature of self-gravity, which can be described by an effec-
tive viscosity acting throughout the disk even in absence
of fragmentation (Lin & Pringle 1987).
In run NAC (see Table 1), within 10 Myr, the inner

25-pc region goes from enclosing less than 20% of the
total mass of the disk and being smooth to having more
than 50% of the total disk mass in 3 clumps, one of
about 3.19×107 M⊙ enclosing the primary BH, another
one of about 1.88 × 107 M⊙ (heavier than the primary
BH itself) at a distance of about 8 pc center to center
(each have a radius larger than 1.5 pc), and the third
one of about 6.7× 106 M⊙, still much heavier than the
secondary BH, with respective densities ∼1.5× 108, 5×

Figure 2. Gas density face-on projection and secondary
BH’s trajectory (white lines) for the adiabatic run NAAD
(see Table 1) at different times. A scale bar on the top left
panel shows the size in pc. The colour code represents the
disk density integrated along the z-axis (perpendicular to
the disk plane), which rotates counter-clockwise in this per-
spective. Trajectories are shown for time intervals between
snapshots. On the top left panel, we see a leading spiral
wake caused by the BH near an apocenter as a perturbation
to the disk density. On the top right panel, a trailing wake
is captured near a pericenter. The net effect of the wakes
over a few orbits is to circularize the orbit. The lower left
panel shows a resonant interaction between the BH and the
gas as the orbit becomes circular. After circularizing, the gas
extracts its angular momentum and the separation shrinks
in a relatively short timescale, as clearly captured on the
bottom right panel. The interplay between perturber and
background is analogous to results found in the literature
for planet migration.

107, and 107 amu cm−3 (during this time, the secondary
BH is always outside this inner region; see Figure 1).
Figure 6 shows the distribution of clump masses at dif-

ferent times (0.5–5 Myr) normalized to the mass of the
secondary BH, which is almost constant during this time
range in the runs shown in the figure (NAC, CSFSN, and
CSFSNBF; see Table 1). In run NAC, especially after 3–
5 Myr, there are more than 10 clumps with masses from
commensurate to ten times more massive than the sec-
ondary BH. As discussed in Fiacconi et al. (2013) and
Roškar et al. (2015), clumps with masses comparable to
or larger than the mass of the secondary BH can have a
dramatic effect on the latter, with direct hits or even re-
peated softer perturbations. At the same time, Figure 6
shows that most of the clumps have masses about the
same or less than the secondary BH, namely close to or
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• increase in the sinking time  
• no-circularization in this multi-phase medium 
• scattering off the disc plane - postponed  merger 
• rare cases in which the secondary black hole is drag inside a 

clump rapidly to the centre  
• spread in the delay times (stochastic dynamics): 2–100 Myrs
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Figure 9. Under construction: Snapshots of log density from
hydrodynamical simulations for a disk withM = 20, and constant
coe�cient of kinematic viscosity ⌫ = 0.01a20⌦bin/M2.

of Figure 10 is for 10 times higher viscosity than the fidu-
cial case. The second column is for 40 times larger viscosity
and the final column is for the same ⇥40 viscosity and a disk
which is twice as hot as the fiducial case. The rows delineate
the choice of sink radius. Note that the bottom-right panel
has nearly identical parameters as the simulation found in
(Farris et al. 2014), the di↵erence being the choice of inner
boundary condition and a constant (here) vs ↵-law viscos-
ity prescription (We could redo all simulations for alpha law
viscosity and di↵ ICs). As expected, we find that the higher
viscosity disks have smaller, more dense gaps. Decreasing
the Mach number (increasing disk temperature) increases
pressure forces in the disk which also results in a smaller,
more dense cavity. The e↵ect of a larger sink radius is to cre-
ate a less dense cavity, this is apparent in the last column
of Figure 10, where the higher Mach number and viscos-
ity have begun to fill in the cavity. Additionally, increasing
the disk temperature increases the scale-length of density
waves which results in a more spread out circumprimary-
disk which, for the hotter disk, resembles more of a spiral
than a compact mini-disk. Hence a hotter accretion flow
su↵ers more overflow into the cavity but harbors a more
dispersed circumprimary-disk.

The mini-disks in Farris et al. (2014) are less prevalent
than the mini-disks we find for our fiducial disk parame-
ters. This could be due to the hotter disks of Farris et al.
(2014) spreading out the mini-disk as mentioned above or
if it could be a result of the cavity initial conditions (ICs)
used in Farris et al. (2014). If the unstable horseshoe region
for a q = 0.05 mass ratio binary does not allow gas to flow
across the binary into an orbit around the primary, then one
might expect a smaller circumprimary-disk. To test wether
the existence of a circumprimary-disk is dependent on ICs,
we run a simulation with the same binary+disk parameters
as the bottom right panel of Figure 10, but for two di↵er-
ent ICs, an initial cavity around the binary (identical to the
density IC in D’Orazio et al. (2013)), and an initial con-
stant surface density disk. Up to an overall density scaling,
we find nearly identical results. This means that the tran-
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Figure 10. Log density for a mass ratio near the transition from
ring to cavity. The rows di↵erentiate the size of the sink radius
and the columns vary the Mach number and viscosity as labeled.
The density scale is the same in each panel.

sition to a cavity found in (Farris et al. 2014) where the
ICs are an initial cavity is not set by the inability of gas to
to flow across horseshoe orbits and generate an inner disk,
but is more directly linked to disk parameters, especially the
Mach number.

We observe that, while the properties of the mini-disks
depend on Mach number, viscosity, and sink radius, they are
independent of whether the ICs initially immerse the binary
in gas or if the gas di↵uses in from an initial cavity config-
uration. Additionally, we find that for larger viscosities the
cavity elongation mechanism is damped and the gap struc-
ture becomes more symmetric, however, the gap does not
revert completely to an annular shape. Hence, the transition
mass ratio is not shifted greatly by large viscous and pres-
sure forces. We conclude that gap morphology most strongly
depends on the binary mass ratio and thus the dynamics of
the R3B while its depth and elongation can be altered by
pressure and viscosity.

4 CONCLUSION

The R3B problem captures the salient features of gap mor-
phology and provides an explanation for the transition from
annular-gaps at small mass ratios to central-cavities for
larger mass ratio binaries. We find that the transition can
be explained from the restriction of particles in the R3B
to inner and outer parts of the disk via the conservation
of the Jacobi constant. The transition mass ratio occurs at
q ⇠ 0.04 and is coincident with the loss of stable horseshoe
orbits.

To estimate the e↵ects of pressure in the disk we com-
pare the Jacobi constant with the closely related Bernoulli
constant and derive a maximum disk temperature (mini-
mumMach number) for which a gap or cavity will form. This
zero-viscosity gap closing condition matches the prediction
of ?? in the limit of small binary mass ratio where it is de-
rived. For larger mass ratios the two predictions diverge. We
test our prediction (4) with inviscid hydrodynamical simu-
lations of an equal mass binary and find good agreement.

The e↵ects of both viscosity and pressure on the annu-
lus to cavity transition are studied via 2D viscous hydro-
dynamical simulations. These show that the results of the
R3B analysis hold for low viscosity, cold disks, and that the
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V. type II migration in a circum-binary disc

• black holes deposit orbital angular momentum exciting both leading and 
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separation 
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and the final column is for the same ⇥40 viscosity and a disk
which is twice as hot as the fiducial case. The rows delineate
the choice of sink radius. Note that the bottom-right panel
has nearly identical parameters as the simulation found in
(Farris et al. 2014), the di↵erence being the choice of inner
boundary condition and a constant (here) vs ↵-law viscos-
ity prescription (We could redo all simulations for alpha law
viscosity and di↵ ICs). As expected, we find that the higher
viscosity disks have smaller, more dense gaps. Decreasing
the Mach number (increasing disk temperature) increases
pressure forces in the disk which also results in a smaller,
more dense cavity. The e↵ect of a larger sink radius is to cre-
ate a less dense cavity, this is apparent in the last column
of Figure 10, where the higher Mach number and viscos-
ity have begun to fill in the cavity. Additionally, increasing
the disk temperature increases the scale-length of density
waves which results in a more spread out circumprimary-
disk which, for the hotter disk, resembles more of a spiral
than a compact mini-disk. Hence a hotter accretion flow
su↵ers more overflow into the cavity but harbors a more
dispersed circumprimary-disk.

The mini-disks in Farris et al. (2014) are less prevalent
than the mini-disks we find for our fiducial disk parame-
ters. This could be due to the hotter disks of Farris et al.
(2014) spreading out the mini-disk as mentioned above or
if it could be a result of the cavity initial conditions (ICs)
used in Farris et al. (2014). If the unstable horseshoe region
for a q = 0.05 mass ratio binary does not allow gas to flow
across the binary into an orbit around the primary, then one
might expect a smaller circumprimary-disk. To test wether
the existence of a circumprimary-disk is dependent on ICs,
we run a simulation with the same binary+disk parameters
as the bottom right panel of Figure 10, but for two di↵er-
ent ICs, an initial cavity around the binary (identical to the
density IC in D’Orazio et al. (2013)), and an initial con-
stant surface density disk. Up to an overall density scaling,
we find nearly identical results. This means that the tran-
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sition to a cavity found in (Farris et al. 2014) where the
ICs are an initial cavity is not set by the inability of gas to
to flow across horseshoe orbits and generate an inner disk,
but is more directly linked to disk parameters, especially the
Mach number.

We observe that, while the properties of the mini-disks
depend on Mach number, viscosity, and sink radius, they are
independent of whether the ICs initially immerse the binary
in gas or if the gas di↵uses in from an initial cavity config-
uration. Additionally, we find that for larger viscosities the
cavity elongation mechanism is damped and the gap struc-
ture becomes more symmetric, however, the gap does not
revert completely to an annular shape. Hence, the transition
mass ratio is not shifted greatly by large viscous and pres-
sure forces. We conclude that gap morphology most strongly
depends on the binary mass ratio and thus the dynamics of
the R3B while its depth and elongation can be altered by
pressure and viscosity.

4 CONCLUSION

The R3B problem captures the salient features of gap mor-
phology and provides an explanation for the transition from
annular-gaps at small mass ratios to central-cavities for
larger mass ratio binaries. We find that the transition can
be explained from the restriction of particles in the R3B
to inner and outer parts of the disk via the conservation
of the Jacobi constant. The transition mass ratio occurs at
q ⇠ 0.04 and is coincident with the loss of stable horseshoe
orbits.

To estimate the e↵ects of pressure in the disk we com-
pare the Jacobi constant with the closely related Bernoulli
constant and derive a maximum disk temperature (mini-
mumMach number) for which a gap or cavity will form. This
zero-viscosity gap closing condition matches the prediction
of ?? in the limit of small binary mass ratio where it is de-
rived. For larger mass ratios the two predictions diverge. We
test our prediction (4) with inviscid hydrodynamical simu-
lations of an equal mass binary and find good agreement.

The e↵ects of both viscosity and pressure on the annu-
lus to cavity transition are studied via 2D viscous hydro-
dynamical simulations. These show that the results of the
R3B analysis hold for low viscosity, cold disks, and that the
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Figure 1. Average Eddington ratios (left panel) and mass accretion rates (right panel) of MBHs as function of z. Black, red, green
and blue colors refer to MBH masses of 106, 107, 108, and 109 M⊙, respectively. The shaded areas show the range of values comprised
between the two limiting cases considered for the radiative efficiency (see discussion in the text) corresponding to ϵ = 0.075 and ϵ = 0.1.

Figure 2.Minimum redshift zBHB at which two MBHs must bind
in a binary of total mass MBHB in order to coalesce within three
different redshifts zcoal = 0 (black lines), 1 (blue lines) and 2 (red
lines). The upper and lower panels correspond to a mass ratio
q = 0.3 and q = 0.1, respectively. As in figure 1, the shaded areas
correspond to the range of values obtained considering a fixed
radiative efficiency comprised between ϵ = 0.075 (left curve) and
ϵ = 0.1 (right curve). Thin dotted lines mark the three values
assumed for zcoal, and are shown to facilitate the reader. The
case represented in the figure is when all the gas inflowing toward
the galaxy nucleus interacts with the secondary MBH.

Figure 3. Same as figure 2 either assuming that all the gas in-
teracts with the secondary MBH (shading with inclined lines) or
that only a fraction of 0.4 of the inflowing gas mass interacts with
M2 (shading with horizontal lines).

placing LEdd with f LEDD in eq. 4. Reducing the fraction of
interacting matter increases the migration timescale, hence
increasing the minimum zBHB required for the BHB to coa-
lesce within a given zcoal as shown in figure 3.

As expected, decreasing f the evolution of every binary
slows down, but the general trends discussed while com-
menting the f = 1 cases remain valid. BHBs with total mass
M ∼ 107 M⊙at z > 2 are particularly affected, because of
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• assuming that black hole binaries in the LISA range are fueled as 
isolated black holes are, the accretion rates are such that there is 
sufficient fuel for LISA black holes forming at z>2-3  to coalesce 
during the peak of the star formation rate 



• in massive nuclear discs, gas fragmentation leads to a 
broadening of times for binary formation  

• star formation and SN-feedback are critical in determining the 
properties of the black hole nearest environment  

• migration in a circum-binary disc surrounding the binary likely 
drive the binary down to the GW driven inspiral (z<3) 

T 
Take home message

• two regimes? 

• presence of a massive stellar cusp leads to swift coalescence      
(z-dependent? wait until z~4-5?) 

• presence of large inflows of gas - long-lived phase of 
“accretion”       (50 Myrs) to promote migration 

• setting the “clock” is both a cosmological and local problem 



• it is still difficult to quantify the level of broadening of the time 
delay distribution in the formation of LISA coalescing binary black 
holes: 10 Myrs - 4 Gyrs to asses the differential merger rate  

• LISA signal dominated  

• observability of black holes not sensitivity limited 

• ONLY LISA will tell us the true story Valiante+2016,17,18 



•Triplet to solve for the bottleneck
4 Bonetti et al.

form and grown via a second channel, namely the migra-
tion of globular clusters to the nuclear region induced by
dynamical friction (Antonini, Barausse & Silk 2015a,b).

After two halos start coalescing (at the nodes of the
merger tree), the smaller halo (the “satellite”) initially re-
tains its identity within the bigger one (the “host”), slowly
falling towards the centre driven by dynamical friction.
We account for this phase by using the expression for
the dynamical-friction time from Boylan-Kolchin, Ma &
Quataert (2008), which is calibrated against numerical sim-
ulations and accounts for the e↵ect of both Dark Matter
and baryons. We also model the mass loss incurred by the
satellite halo and its galaxy due to tidal stripping and evap-
oration (Ta↵oni et al. 2003). When the satellite subhalo and
its galaxy merge with the host, the MBHs contained in the
two galaxies may still be very far apart (at ⇠ kpc distances).
Nevertheless, at least when the satellite and the host have
mass ratios & 0.1 (the most relevant case for our results, c.f.
section 5), dynamical friction against the gas and stars of
the newly formed galaxy quickly drives the MBHs toward
the centre (Dosopoulou & Antonini 2017, DB17,). This pro-
cess is particularly e�cient because at least in its initial
stages, the MBHs are expected to be still surrounded by a
stellar core from their host galaxy, which results in a shorter
dynamical-friction timescale. Therefore, for the purpose of
this work, we can safely neglect this phase and assume that
whenever the host and satellite galaxies coalesce, the MBHs
are e�ciently driven down to a separation comparable to the
primary MBH influence radius ri ⇡ 2Gm

1

/�2 (m
1

being the
primary black hole’s mass and � the velocity dispersion of
the host’s spheroid).

We then account for the subsequent evolution of the
MBHs with the simple prescriptions outlined in (Antonini,
Barausse & Silk 2015a,b). In more detail, in a gas-rich nu-
clear environment we assume that the MBH binary is driven
to sub-pc separation (where GW emission is su�ciently ef-
ficient to trigger the merger) by planetary-like migration
within the nuclear disc, and we assume that this phase lasts
one viscous time (evaluated at the influence radius of the
binary), i.e. ⇠ 107�108 yr. In gas-poor environments (more
relevant for PTAs), the MBH binary is instead driven to
sub-pc separations by stellar hardening, i.e., by three-body
interactions with stars. We model this phase by assuming
that its duration is given by the hardening timescale evalu-
ated at the influence radius of the MBH binary (Sesana &
Khan 2015), or to the timescale of the hardening from the
nuclear star cluster, whichever the shorter. In practice, these
hardening timescales are typically of a few Gyr.

We account for the possibility that while a MBH bi-
nary is still evolving under gas-driven migration or harden-
ing, another galaxy merger may take place. This would bring
a third MBHs down to pc-separations, which may in turn
trigger the coalescence of the inner binary via Kozai-Lidov
resonances (Kozai 1962; Lidov 1962) or chaotic three-body
interactions (PaperI). We model these processes by using the
results of the three-body Post-Newtonian (PN) code of Pa-
perI, as outlined in the next section. Clearly, the importance
of these MBH triple systems in triggering MBH coalescences
depends sensitively on the “delays” between the time halos
start merging and the time MBHs eventually coalesce. In
the following, we consider both a case where these delays are
implemented as described above (Model-delayed hereinafter)
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Figure 1. Cartoon representation of how triple MBH interactions
are treated in the semianalytic model described in Section 2.
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Figure 2. Same as figure 1, but for quadruple interactions.

and a case where the delays are artificially set to values
larger than the age of the Universe (i.e. MBHs mergers never
take place unless triggered by three-body MBH interactions,
Model-stalled hereinafter). Coupled with the di↵erent MBH
seeding prescription, we therefore have four distinct mod-
els: Model-delayed-LS, Model-stalled-LS, Model-delayed-HS,
Model-stalled-HS. We find that low and high mass seeds (LS
vs HS) yield very similar results in the MBH mass range rel-
evant to PTAs (but not at the low masses relevant to LISA,
Klein et al. 2016, as we will explore in a forthcoming pa-
per). Unless otherwise stated, we will therefore always show
results for the LS models.

2.2 Treatment of triple and quadruple MBH
systems

The backbone for a consistent treatment of multiple (i.e.
triple and quadruple) MBH interactions in the semianalytic
model described above is the large suite of numerical simula-
tions described in PaperII. Full details can be found in there,
and we only describe here the key features and the imple-
mentation within the semianalytic galaxy evolution model.
We have collected the outcome of triple MBH interactions
on a grid of primary MBH mass, m

1

, sampled in the range
[105M�, 10

10M�], and inner and outer binary mass ratio

c� 2017 RAS, MNRAS 000, 1–??
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Figure 6. Distribution of merger-times. The blue histogram rep-
resents binaries that merge because of the prompt interaction
with a third body (chaotic dynamics and/or K-L resonances plus
GWs), and the black line is a log-normal fit to the distribution.
The red histogram, instead, represents the binaries that are driven
to merger by GW emission alone after the ejection of one of the
MBHs (always the lightest one).

Figure 7. Distribution of merger-times, grouped according to
the initial mass ratio of the inner (as labelled in the upper left
corner of all panels) and outer binary (di↵erentiated by colors as
indicated in the lower right panel). The merger timescale only has
a weak dependence on the outer mass ratio.

red tracks. The colour code shows that this circularisation
phase is much shorter than the preceding evolution. The
maximum eccentricity reached (the turnover point in the
evolutionary tracks) mainly depends on the mass of the in-
ner binary, i.e. the lower the mass, the higher the maximum
eccentricity. In fact, for more massive binaries GWs start
dominating sooner during the evolution, hence determining
the earlier orbital circularisation. This behaviour is clearly
visible in fig. 8, moving from the top panel (m1 = 105 M�)
to the bottom one (m1 = 109 M�). Note that for more mas-
sive systems the orbital frequency at merger is necessarily
lower, since it scales as M�1, where M ⌘ m1 +m2.

It is of a certain interest to analyse the same evolution
not in terms of the orbital frequency, but rather in terms of
the peak frequency of the GW power spectrum (Wen 2003)

fGW,p =
1
⇡

s
GM

[a(1� e2)]3
(1 + e)1.1954, (1)

which is clearly larger for more eccentric binaries. (Note that
this equation essentially means that GWs are mainly emit-
ted at the pericentre passages). The probability distribution
in the (log fGW,p, log(1�e)) plane is shown in the right pan-
els of figure 8, for the same three values of m1 considered
before.

During the initial phase of eccentricity growth, irrespec-
tive of the evolution driver (K-L resonances or chaotic inter-
actions), the orbital frequency does not change (left panels
in figure 8), but fGW,p increases because of its dependence
on e. As soon as GWs take over, the orbit circularises fast
while maintaining an almost constant fGW,p until the very
last phase of the evolution. This means that during the cir-
cularisation phase, the binaries maintain a fixed pericentre
separation while their the semi-major axis shrinks. Once the
circularisation is completed, GW losses keep shrinking the
semi-major axis. Therefore, fGW,p increases and eventually
becomes twice the orbital frequency (fGW,p = 2f), as ex-
pected for circular binaries at leading PN order. Like the
orbital frequency, in the GW dominated regime fGW,p is
lower for larger masses.

A particularly interesting result of our simulations is
that more massive binaries merge with a slightly larger ec-
centricity compared to their low mass counterparts, despite
their maximum eccentricity being comparatively lower. This
is essentially due to the shorter timescale of the inspiral
phase, which results in a sizeable residual eccentricity, as
can be seen in figure 8 by observing the positions marked as
“End”.

Figure 9 shows the distribution of the eccentricity of
merging MBHBs at the innermost stable circular orbit,
eISCO, i.e., at a separation rISCO = 6RG, where the grav-
itational radius of the binary is defined as RG = 6M/c2.
In the left panel, we plot the distribution on a linear scale,
while in the right panel we show the logarithmic version of
the same distribution. It is remarkable that the distribution
extends up to eISCO ' 0.1, as shown by the blue histogram.

In the same figure, the red histogram refers to the “post-
ejection” coalescences, which we recall account for ' 1/5
of the total. As expected, given that the final coalescence
is purely driven by GW emission, these mergers are much
less eccentric. Their low residual eccentricity has a marked

c� 2017 RAS, MNRAS 000, 1–??
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Figure A4. Diameter D (or size S, from Oka et al. (2001)) vs mass M for run CSFSNBF. The clumps from the simulations are
in agreement with the available data from the observations of molecular clouds in the Galactic Center. The Galactic Center,
however, may represent a less extreme environment than a CND formed after a gas-rich galaxy merger (Fiacconi et al. 2013).
Smaller clouds are difficult to detect, what might justify the lack of observational data for clumps of sizes not larger than a few
pc.

• numerical effect

Souza Lima+2016, del Valle+2015, Fiacconi+2013 



• collision of two massive discs (100 million suns) embedded in an Hernquist 
stellar bulge (twice more massive), each housing a black hole of 10 million 
sun
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Figure 1. MBH dynamical evolution for runs ‘ThFBl’ (solid black lines) and ‘ThFBh’ (dashed red lines). Left–hand panel: projected
orbital evolution. Right–hand panel: MBH separation versus time. The blue dots correspond to the time of binary formation.

Figure 2. Star formation in run ‘ThFBl’. Left–hand panel: total stellar mass (solid red line) in units of the initial disc mass Md, and

the residual gas mass in units of Md (dashed blue line) as a function of time. Right–hand panel: star formation rate versus time.

how our results depend upon such choice, we cosnider the
extreme case of �tSN = 0 Myr, i.e, massive stars explode as
soon as they form.

We find that, as long as the SNa feedback is governed
by thermal processes, only small di↵erences in the MBH
dynamics exist compared to the standard delay case pre-
viously discussed. This similarity occurs because the SNa
energy is mostly released in high–density clumps, where gas
cools down very rapidly, and the clumps can survive the ex-
plosion. As a consequence, star formation can proceed until
almost all clump gas is consumed.

Large di↵erences occur instead if, along the �tSN = 0
assumption, we employ the blast wave recipe for SNa feed-
back. In Fig. 9 we compare the projected MBH orbits (left–
hand panel) and the MBH separation versus time (right–
hand panel) for runs BWFBh prompt and ThFBh prompt.
In the case of blast wave like feedback, the orbital decay is
slower, with a typical binary formation time–scale of ⇠> 13
Myr. The di↵erence is due to the early SNa explosions that,
coupled with the blast wave–like feedback, tend to disrupt

the gas clumps and to deplete the gas reservoir progressively
forming around the MBHs. As a consequence, the two MBHs
evolve in a lower density, smoother environment, where low–
mass clumps are typically unable to induce strong orbital
perturbations. The net result is a less disturbed orbital de-
cay (Fig. 9, left–hand panel).

We therefore conclude that in the case of prompt SNa
explosions, contrary to the standard delay case, the dynam-
ical evolution of the MBHs is strongly a↵ected by the feed-
back mechanism employed. The SF density threshold in-
stead does not result in relevant di↵erences anyway.

While MBH dynamics is basically una↵ected by the
value of �tSN in the case of thermal SNa feedback, substan-
tial di↵erences occur in the dynamics of the gas component.
Along with a small–scale corotating circumbinary disc, we
do observe a further, much larger disc/ring–like structure
on ⇠ 100 pc scale (see Fig 10). Indeed, feedback from SNe
does not occur suddenly after 10 Myr but it is instead di-
luted in time, so that the (rapidly cooling) gas has time to
readjust in a disc–like structure. Though several other possi-

c� 2015 RAS, MNRAS 000, 1–11
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Figure 3. Face–on gas density map for run ‘ThFBl’ at time
t = 2.1 Myr (i.e., when the star formation rate is maximum,

see Fig. 2). The gas shocked after the first disc collision frag-

ments into a large number of small clumps which very rapidly
convert gas into new stellar mass. The black dots correspond to

the positions of the two MBHs.

clump distance when the transient binary system forms is
⇠ 10 � 20 pc, which is always resolved with a number of
cells ⇠> 10, thanks to the refinement prescription described
in Lupi, Haardt & Dotti (2015), allowing us to accurately
resolve the BH–clump close interaction.

In the case of run ‘ThFBh’, because of the relatively
higher density threshold for SF, a slightly larger number of
more massive clumps forms, resulting in the more disturbed
orbits (and faster decay) seen in Fig. 1.

We have then compared the above analysis regarding
the MBH dynamics with runs employing the aforementioned
blast wave–like feedback from SNe (BWFB–like runs). As
discussed before, this feedback implementation aims at de-
scribing non–thermal processes in the aftermath of SNa ex-
plosions. We find that the dynamical evolution of the MBHs
is largely independent upon the details of the SNa feed-
back employed, making MBH dynamics results fairly robust
against the di↵erent implementations of sub–grid physics.

3.2 Gas dynamics

We discuss here the dynamics of the gas during the merger
event. We focus on the case with the low–density threshold
for SF (run ‘ThFBl’), keeping in mind that the higher den-
sity case produces a qualitatively and quantitatively similar
outcome.

Fig. 6 shows the gas distribution around the MBHB af-
ter t = 11 Myr. On large scale (left–hand panel), the relic
disc resulting from the collision of the progenitor discs is al-
most totally disrupted because of SNa feedback. This resid-
ual structure is counter–rotating relative to the MBHB or-
bit. On scales of the order of few pc (right–hand panel), the
gas which has not been converted into stellar particles set-
tles in a circumbinary disc, with a total mass of few 105 M�.
The small disc corotates with the MBHB thanks to the drag-
ging of gas by the MBHs during their inspiral towards the
centre. Note that this implies that the angular momentum

Figure 4. Total mass in clumps for run ‘ThFBl’. The red dia-
monds correspond to the times at which we computed the clump

mass distribution shown in Fig. 5.

of the residual gas changed sign during the evolution of the
system.

We report in Fig. 7 the evolution of the modulus of
MBH orbital angular momentum and compared it to the
modulus of the total angular momentum of the gas which
is the closest to the MBHs in the simulation, defined as
the gas within a sphere of radius equal to 0.5 times the
MBH separation. We observe that at the beginning of the
simulation the angular momentum of the gas is larger than
that of the MBHs, and we remind that the gas is counter–
rotating. After ⇠> 4 Myr, the angular momentum associated
with the MBH orbit exceeds that of the gas and in principle
there are the conditions for a change in the sign of the gas
angular momentum, being dragged by the MBHs. The gas
angular momentum actually changes sign after ⇠ 9 Myr,
when the MBH separation is ⇠ 45 pc. At this evolutionary
stage, a large fraction (⇠> 90%) of the initial gas mass is
already converted in stellar particles. After ' 10 Myr, when
SNe start to explode, the released energy is radiated away
by the small amount of residual gas, which is however unable
to form further stellar mass at a comparable rate. In other
words, star formation is not halted by SNa feedback, rather
by gas consumption.

Concerning the impact of blast wave feedback (BWFB–
type runs), as expected it does not alter the gas dynamics
for a time ⇠ �tSN (at that point the two MBHs have already
reached the centre of the system). After that time, the al-
most simultaneous SNa events release a fairly large amount
of energy which heats the gas up but is not radiated away.
The net result is that the remaining gas is pushed at very
large distances from the MBHB (up to ⇠ 500 pc) by the
increased pressure. The MBHB lives then in a very low–
density environment, and no circumbinary disc is formed on
any scale.

3.3 Prompt SNa explosions

Both the MBH and gas dynamics are una↵ected by feedback
for the first 10 Myr as this is the assumed lifetime of massive
stars (and hence for the onset of SNa feedback). To test

c� 2015 RAS, MNRAS 000, 1–11
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Figure 5. Mass distribution of clumps in run ‘ThFBl’. Left–hand panel: mass distribution at two selected times when the number of

clumps is relatively small. Right–hand panel: same as left–hand panel, but at two times when the number of clumps is larger. The four
selected times are marked as red dots in Fig. 4.

Figure 6. Face–on gas density maps for run ‘ThFBl’ around the MBHB at the end of the simulation (t ⇠ 11 Myr). Left–hand panel:

on large scales the disc is almost totally disrupted because of SNa explosions. Right–hand panel: zoom in of the nuclear region where an

inner corotating gas disc forms.

ble explanations exist (e.g., secular evolution of the Galactic
disc), it is tempting to associate such structure to the central
molecular zone of the Milky Way (Jones et al. 2011). It is
interesting to note that the larger scale disc keeps memory
of the initial angular momentum, and it is then counter–
rotating with respect to the small inner circumbinary disc
which is, as discussed above, dragged by the MBHB.

The case of blast wave–like feedback is still di↵erent. We
do not observe a disc–like structure, rather we find a mas-
sive triaxial gas distribution surrounding the MBHB with
density of few 105 cm�3 (see Fig. 11). This di↵erence is pro-
duced by the di↵erent nature of the SNa feedback, which
is in this case able to heat the gas and provide a pressure
support large enough to prevent gas contraction.

Because of the large fraction of gas available (due to
the SNa feedback which reduces the net star formation by
destroying gas clumps, as discussed above) the gas will con-
tinue to cool down, resulting in alternated phases of star for-
mation (due to gas cooling and contraction) and re–heating
(due to SNa feedback). We observe a large number of dense
gas streams flowing from low–density regions towards the
centre where the MBHB resides. This large inflow will re-
sult in a burst of star formation in the nucleus and in a
following phase of SN explosions. The energy provided by
SNe will then reheat the gas, stopping the contraction and
eventually expand the entire gas structure into a less dense
state. These alternated phases, if occurring for enough time,
could convert a large fraction of gas into new stellar mass,

c� 2015 RAS, MNRAS 000, 1–11
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Figure 10. Same as Fig. 6 but for run ‘ThFBh prompt’ at time t ⇠ 10 Myr. Left–hand panel: gas settles in a disc/ring like structure

which is counter–rotating relative to the MBHs. Right–hand panel: zoom in of the region where an inner corotating gas disc forms around
the MBHB visible on the east side of the left–hand panel.

Figure 11. Gas density maps for run ‘BWFBh prompt’ around the MBHB at the end of the simulation (t ⇠ 20 Myr). The gas settles in

a triaxial structure with a denser central core. The core mass is ⇠ 107 M� within a radius ⇠ 25 pc. The upper panel shows the face–on

view, while the two bottom panels show the edge–on views of the triaxial gas configuration.

confines star formation along the oblique shock forming at
the time of impact of the two discs, and to the fact that in
our case the mass distribution of the clumps evolves as gas
is turned into stellar mass which spread due to dynamical
relaxation. Our simulated MBHs do not leave the orbital
plane due to clump–induced kick, contrary to what seen in
Roškar et al. (2015), as our simulation is strictly coplanar.
We expect that an inclined encounter would lead to a change
in the orbital plane also in our case, and this will be explored
in future. During the pairing phase, the MBH dynamics is

mostly a↵ected by the presence of clumps and not by the
recipe used to model the feedback processes.

We note that, on the contrary, the gas distribution
around the MBHs is significantly a↵ected by feedback. Ther-
mal feedback leaves no large–scale disc around the MBHB.
Yet a residual corotating circumbinary disc of mass much
smaller than the MBH mass forms around the two black
holes which we expect will control the further spiral-in via
migration–like mechanisms.

Blast wave feedback is a way to model the expansion
of SNa–driven bubbles. With the code it is then possible to

c� 2015 RAS, MNRAS 000, 1–11

• thermal-feed-back: gas cools immediately after SN blow-ff 
• no large scale disc but a residual coronating disc around the black holes

• blast-wave-feed-back: SN energy is decoupled from gas-cooling -                     
a momentum driven blast wave 

• black holes inhabit a triaxial less dense region with denser core
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Figure 11. Snapshots of RunA (top row) and RunB (bottom row) at selected time (as indicated in each panel), highlighting features described in figure 10). In
all panels, the binary is viewed face-on in the x� y plane, and the gas column density (integrated along the z�axis) is shown in log-scale as indicated on the
right of each panel.

initial transient phase, most of the particles have less than 50o

respect to the binary, and tend to distribute in a co-rotating,
extended circumbinary disc, displaying a variety of eccentricities.
In RunA, the disc does not build up as a coherent structure, as
hinted by the low total mass (panel A0.0-m) and large range of
inclinations (panel A0.0-i). The presence of large amount of gas at
high inclinations, prevents resonances from being efficient, and a
well defined cavity cannot be seen in panel A0.0-a, where we see
gas been distributed in the whole range 1 < a < 7, although a
concentration of gas at a < 5 appears from T ⇡ 40P0 onwards.
Conversely, in RunB, a prominent thin disc builds up coherently
and progressively aligns with the MBHB. This is demonstrated by
the mass build-up up to about Mgas = 0.03M (panel B0.0-m) and
by the narrow range of inclinations decreasing with time (panel
B0.0-i). The density contrast in panel B0.0-a highlights that the
bulk of the disc lies in the range 2 < a < 4, with the decline at
a < 2 indicative of the resonance-sustained cavity. Gas within the
disc remains in fairly eccentric orbits spread around e = 0.5 (panel
B0.0-e).

The left column of Figure 11 displays representative snapshots
of these two simulations. The top panel is taken when the 13th
cloud of RunA F = 0.0 interacts with the system, at T ⇡ 49P0.
An extended circumbinary structure, almost in the binary orbital
plane (i ⇡ 20o) is clearly visible, but it is about to be partially
disrupted be the 13th cloud streaming-in from the left (which will
cause the subsequent drop in Mgas observed in panel A0.0-m). The
bottom panel shows the status of RunB F = 0.0 at the peak of
Mgas at T ⇡ 95P0. Comparisons between the two highlights the
prominence of the circumbinary disc forming in RunB, featuring a
massive spiral that extends to a ⇡ 5,

Not surprisingly, in the counter-rotating case (F = 1.0,
right column), the gas distribution around the binary has high
inclinations. Also in this case, the two runs display quite different
behaviours. In RunA, we see the formation of a persistent structure.
The mass gets to Mgas ⇡ 10�2

M at the peak, declining to

Mgas ⇡ 10�3
M by the end of the simulation (panel A1.0-m), is

spread across the whole a range (panel A1.0-a), and displays a wide
range of inclinations (panel A1.0-i). The gas essentially configures
into a tenuous and low mass counter-rotating cloud. This is clearly
shown in the top right panel of Figure 11 taken at T = 28P0;
no clear disc-like structure is present, and the binary is surrounded
by a relatively compact cloudy envelope with streams extending to
a > 5.

The situation is strikingly different in RunB. Here we see that
the violent interaction with the binary causes most of the gas to be
either accreted or expelled and no steady circumbinary structure is
formed. A prominent eccentric transient ring forms around T =
60P0, being disrupted about 20 periods later (note that in our
fiducial system the ring would last for about 0.2 Myr), as clear from
panel B1.0-m. The structure is almost perfectly counter-aligned to
the binary (panel B1.0-i), is confined within a < 2.5 (panel B1.0-a)
and has an average eccentricity e ⇡ 0.3 (panel B1.0-e). The ring is
clearly visualised in the bottom right panel of Figure 11.

The F = 0.5 simulations, shown in the central column of
Figure 10, highlight the impact of the specific cloud distribution
on the formation of circumbinary structures. RunA features a
number of transient, incoherent structures extending at all radii
(panel A0.5-a) and inclinations (panel A0.5-i). The top central
panel of Figure 11 shows the system at T = 41P0. Cloud 12
and 13 are bringing fresh gas into the system, causing a temporary
enhancement of the mass in the circumbinary structure, that looks
like an incoherent, extended envelope. Conversely, RunB shows
a behaviour similar to the F = 0.0 case; at T ⇡ 60P0, a
co-rotating circumbinary structure forms, progressively aligning
with the MBHB as it gains mass in subsequent interactions (panels
B0.5-m and B0.5-i). The structure persists for about 30 binary
orbits (⇡0.3 Myr, when scaled to our fiducial system), before
being completely disrupted by the arrival of new clouds on small
pericentre orbits (clouds 13-to-16, cf Figure 2). A snapshot of
the system at T = 89P0, shown in the bottom central panel of
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V.   hardening during interaction of falling clouds
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